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16. BIG-BANG NUCLEOSYNTHESIS

Revised September 1999 by K.A. Olive (Univ. of Minnesota).

Among the successes of the standard big-bang model is the
agreement between the predictions of big-bang nucleosynthesis (BBN)
for the abundances of the light elements, D, 3He, 4He, and 7Li, and
the primordial abundances inferred from observational data (see [1–4]
for a more complete discussion). These abundances span some nine
orders of magnitude: 4He has an abundance by number relative to
hydrogen of about 0.08 (accounting for about 25% of the baryonic
mass), while 7Li, the least abundant of the elements with a big-bang
origin, has an abundance by number relative to hydrogen of about
∼ 10−10.

16.1. Big-bang nucleosynthesis theory

The BBN theory matches the observationally determined abun-
dances with a single well-defined parameter, the baryon-to-photon
ratio, η. All the light-element abundances can be explained with η in
the range (1.2–5.7)× 10−10, or η10 ≡ η× 1010 = 1.2–5.7. Equivalently,
this range can be expressed as the allowed range for the baryon mass
density, ρB = 0.8–3.9× 10−31 g cm−3, and can be converted to the
fraction, Ω, of the critical density, ρc.

The synthesis of the light elements was affected by conditions in the
early Universe at temperatures T <∼ 1 MeV, corresponding to an age as
early as 1 s. At somewhat higher temperatures, weak-interaction rates
were in equilibrium, thus fixing the ratio of the neutron and proton
number densities. At T � 1 MeV, n/p ≈ 1, since the ratio was given
approximately by the Saha relation, n/p ≈ e−Q/T , where Q is the
neutron-proton mass difference. As the temperature fell, the Universe
approached the point (“freeze-out”) where the weak-interaction
rates were no longer fast enough to maintain equilibrium. The final
abundance of 4He is very sensitive to the n/p ratio at freeze-out.

The nucleosynthesis chain begins with the formation of deuterium
in the process pn→ Dγ. However, photo-dissociation by the high
number density of photons (nγ/nB = η−1 ∼ 1010) delays production
of deuterium (and other complex nuclei) well past the point where
T reaches the binding energy of deuterium, EB = 2.2 MeV. (The
average photon energy in a blackbody is Eγ ≈ 2.7 T .) When the
quantity η−1exp(−EB/T ) reaches about 1 (at T ≈ 0.1 MeV), the
photo-dissociation rate finally falls below the nuclear production rate.

The 25% fraction of mass in 4He due to BBN is easily estimated by
counting the number of neutrons present when nucleosynthesis begins.
When the weak-interaction rates freeze-out at about T ≈ 0.8 MeV, the
n-to-p ratio is about 1/6. When free-neutron decays prior to deuterium
formation are taken into account, the ratio drops to n/p <∼ 1/7. Then
simple counting yields a primordial 4He mass fraction

Yp =
2(n/p)
1 + n/p

<∼ 0.25 . (16.1)

In the Standard Model, the 4He mass fraction depends primarily on
the baryon-to-photon ratio η, as it is this quantity that determines
when nucleosynthesis via deuterium production may begin. But
because the n/p ratio depends only weakly on η, the 4He mass fraction
is relatively flat as a function of η. The effect of the uncertainty in the
neutron half-life, τn = 886.7± 1.9 s, is now small. Lesser amounts of
the other light elements are produced: D and 3He at the level of a few
times 10−5 by number relative to H, and 7Li/H at the level of about
10−10, when η is in the range 1 – 10 ×10−10.

When we go beyond the Standard Model, the 4He abundance is
very sensitive to changes in the expansion rate, which can be related
to the effective number of neutrino flavors. This will be discussed
below.

The calculated abundances of the light elements are shown in
Fig. 16.1 as a function of η10. The curves for the 4He mass fraction,
Yp, bracket the range based primarily on the uncertainty of the
neutron mean-life. The spread in the 7Li curves is due to the 1σ
uncertainties in nuclear cross sections leading to 7Li and 7Be which
subsequently decays to 7Li [5–7]. Similarly, the spread in the curves
for D and 3He are 1σ uncertainties in the D and 3He predictions. The

boxes show the observed abundances with their range of uncertainty,
discussed below. Since the observational boxes line up on top of each
other, there is an overall agreement between theory and observations
for η10 in the range 1.2–5.7.
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Figure 16.1: The abundances of D, 3He, 4He and 7Li as
predicted by the standard model of big-bang nucleosynthesis.
Also shown by a series of boxes is the comparison between these
predictions and the observational determination of the light
element abundances. See text for details.

16.2. Observations

Because stars produce helium as well as heavier elements, one must
search for primordial helium in regions where stellar processing has
been minimal, i.e., in regions where abundances of elements such
as carbon, nitrogen and oxygen are very low. There are extensive
compilations of observed abundances of 4He, N, and O in many
different extra-galactic regions of ionized H [8,9]. Extrapolating the
4He abundances from the data leads to an observational estimate for
Yp of [10–13]

Yp = 0.238± 0.002± 0.005 . (16.2)

(Here and elsewhere, the first error is the statistical standard
deviation, and the second systematic.) The box in Fig. 16.1 bracketing
the 4He curves covers the range 0.234–0.242, where the half height is
given as twice the statistical error. Of course the real uncertainty is
dominated by systematic effects and the the dashed box is obtained
using a larger error (twice the statistical and systematic error when
added in quadrature) allowing Yp to take values in an extended range
0.227–0.249.
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Observations for deuterium and 3He abundances currently present
certain difficulties. All deuterium is primordial [14], but some of the
primordial deuterium has been destroyed. Thus, as can be seen in
the figure, the present deuterium abundance gives us an absolute
upper limit to η. However, to get more information requires either an
understanding of galactic chemical evolution of deuterium or a direct
measurement of primordial deuterium. Even more problematical is
3He: Not only is primordial 3He destroyed in stars but it is very likely
that at least some low-mass stars are net producers of 3He. Neither
the galactic chemical evolution of 3He nor the production of 3He
in stars is well understood with standard models and observations
presenting an inconsistent picture.

It appears that D/H has decreased over the age of the galaxy.
Samples obtained deep inside meteorites provide measurements of
the true (pre)-solar system abundance of 3He, while measurements
on meteoritic near-surface samples, the solar wind, and lunar soil
samples also contain 3He converted from deuterium in the early
pre-main-sequence stage of the sun. The best current values are [15](

D + 3He
H

)
�

= (4.1± 1.0)× 10−5 ,

(3He
H

)
�

= (1.5± 0.3)× 10−5 . (16.3)

The difference between these, is the pre-solar D abundance. There
has also been a recent measurement of HD in the atmosphere of
Jupiter [16] yielding a value D/H = (2.7 ± 0.7) × 10−5 which is
consistent with the above presolar value of D/H.

The present interstellar-medium abundance of D/H is [17]

D/H = 1.60± 0.09+0.05
−0.10 × 10−5 . (16.4)

It is this lowest value of D/H that provides the most robust upper
bound on η, since D is only destroyed. It is shown (decreased by twice
the errors added in quadrature) as the lower right corner of the D
and 3He box in Fig. 16.1. Thus, with confidence we can be sure that
η10 < 9.5 And correspondingly ΩBh2 < 0.035.

Deuterium has also been detected in high-redshift, low-metallicity
quasar absorption systems [18–20]. These measured abundances
should represent the primordial value, but, they are at present not
consistent: Two [18,19] give a relatively high value for D/H ≈ 2×10−4

while another two [20] give D/H ≈ 3.4 ± 0.3 × 10−5. Although it
appears that the quality of the low D/H data is better than those
showing high D/H, the latter can be used at the very least as an
upper limit to primordial D/H and this is shown by the dashed box in
Fig. 16.1, taking a 2σ upper limit of D/H < 3× 10−4. As one can see,
the corresponding value of Yp (at the same value of η as inferred by
the observation of a high D/H) is in good agreement with the data.
7Li is also in agreement at this value as well. However, due to the
still somewhat preliminary status of this observation, it is premature
to use it to fix the primordial abundance. A high value for the D
abundance would require an even greater degree of D destruction
over the age of the galaxy. The lower measurement for D/H requires
that systematics work coherently for both 4He and 7Li to give an
overlap with this data. Systematic effects [21] may, however, imply a
higher D/H abundance (in the low D/H objects) which is in the range
3.5–5× 10−5. At the upper end of this range, all of the light element
abundances are also in concordance. Eventually, the primordial D/H
issue will hopefully be resolved and give a correspondingly narrow
allowed range in η and perhaps change the nature of the 3He and
7Li (see below) arguments which are currently dominated by galactic
and/or stellar evolution issuses.

Finally, we turn to 7Li. In old, hot, population-II stars, 7Li is found
to have a very nearly uniform abundance. For stars with a surface
temperature T > 5500 K and a metallicity less than about 1/20th
solar (so that effects such as stellar convection may not be important),
the abundances show little or no dispersion beyond that consistent
with the errors of individual measurements. Much data has been
obtained recently from a variety of sources, and the best estimate for
the mean 7Li abundance and its statistical uncertainty in halo stars

is [22] (the estimate of the systematic uncertainty discussed below is
our own)

Li/H = (1.6± 0.1+0.4
−0.3

+0.9
−0.6)× 10−10 . (16.5)

The first error is statistical. The box in Fig. 16.1 corresponds to a
2σstat spread. The second set of errors is a systematic uncertainty
that covers the range of abundances derived by various methods. The
third set of errors in Eq. (16.5) accounts for the possibility that some
of the primordial 7Li has been destroyed in stars, and that as much
as 40% of the observed 7Li was produced in cosmic ray collisions
rather than in the Big Bang. This uncertainty has been constrained
by recent observations showing some evidence for evolution in 7Li [23].
These uncertainties (depicted with a half height of 2σstat + σsyst) are
shown by the dashed box in Fig. 16.1. Observations of 6Li, Be, and B
help constrain the degree to which these effects play a role [24–26].

16.3. A consistent value for η

For the Standard Model of BBN to be deemed successful, theory
and observation of the light element abundances must agree using a
single value of η. We summarize the constraints on η from each of
the light elements. From the 4He mass fraction, Yp < (0.242–0.249),
we have η10 < (3.4–6.6) as a 2σ upper limit (the highest values use
possible systematic errors as shown by the shaded box in the figure).
Because of the sensitivity to the assumed upper limit on Yp and
Li/H, the upper limit on η from D/H, is still of value. From D/H
> 1.3× 10−5, we have η10. 9.5.

The lower limit on η10 can be obtained from either D/H or 7Li.
From the high D/H measurement in quasar absorption systems, we
obtain η10 > 1.2. 7Li allows a broad range for η10 consistent with
the other elements. When uncertainties in the reaction rates and
systematic uncertainties in the observed abundances are both taken
into account, 7Li allows values of η10 between (1.1–5.7).

The determination of η depends on our certainty that the
observations of the light elements abundances can be translated into
primordial abundnaces. This is perhaps more straightforward for 4He
and 7Li, where the element abundances are determined in primitive
low metallicity environments. If it turns out that a consistent value for
D/H can be obtained from quasar absorption systems, then because
of the slope of D/H with respect to η, D/H will be the best isotope
for the determination of η. Until then, the use of the D and 3He
abundance determinations is necessarily complicated by th evolution
of the abundances of these elements over the star forming history
of the galaxy. Uncertainties in the 3He evolution are compounded
by uncertainties of stellar production/destruction mechanisms. The
resulting overall consistent range for η10 is extended to (1.2–5.7) when
systematic errors are pushed to their limits. These bounds on η10

constrain the fraction of critical density in baryons, ΩB , to be

0.004 < ΩBh
2
0 < 0.021 . (16.6)

For a Hubble parameter, h0, between 0.4 and 1.0, the corresponding
range for ΩB is 0.004–0.13.

Perhaps the best test of BBN will come when anisotropies in the
microwave background check the determination of ΩB . At present,
other measurements (such as of hot X-ray gas in clusters of galaxies,
Lyman-α clouds, or microwave anisotropies) of ΩB give considerably
larger uncertainties than those from BBN, but they are consistent
with the BBN range.

16.4. Beyond the Standard Model

Limits on particle physics beyond the Standard Model come
mainly from the observational bounds on the 4He abundance.
As discussed earlier, the neutron-to-proton ratio is fixed by its
equilibrium value at the freeze-out of the weak-interaction rates at
a temperature Tf ∼ 1 MeV, with corrections for free neutron decay.
Furthermore, freeze-out is determined by the competition between the
weak-interaction rates and the expansion rate of the Universe,

GF
2Tf

5 ∼ Γwk(Tf ) = H(Tf ) ∼
√
GNN Tf

2 , (16.7)
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where N counts the total (equivalent) number of relativistic particle
species. The presence of additional neutrino flavors (or of any other
relativistic species) at the time of nucleosynthesis increases the energy
density of the Universe and hence the expansion rate, leading to a
larger value of Tf , n/p, and ultimately Yp. It is clear that just as one
can place limits [27] on N , any changes in the weak or gravitational
coupling constants can be similarly constrained.

In the Standard Model, the number of particle species can be
written as N = 5.5 + 7

4Nν ; 5.5 accounts for photons and e±, and Nν
is the number of (massless) neutrino flavors. The helium curves in
Fig. 16.1 were computed assuming Nν = 3, and the computed 4He
abundance scales roughly as ∆YBBN ≈ 0.012–0.014 ∆Nν . Clearly the
central value for Nν from BBN will depend on η. If the best value for
the observed primordial 4He abundance is 0.238, then, for η10 ∼ 1.8,
the central value for Nν is very close to 3. By means of a likelihood
analysis on η and Nν based on 4He and 7Li [28,29](see also [30]) it was
found that the 95% CL ranges are 1.7 ≤ Nν ≤ 4.3, and 1.4 ≤ η ≤ 4.9.

The limits on Nν can be translated into limits on other types of
particles or particle masses that would affect the expansion rate of
the Universe just prior to nucleosynthesis. In some cases, it is the
interaction strengths of new particles which are constrained. Particles
with less than full weak strength interactions contribute less to the
energy density than particles that remain in equilibrium up to the
time of nucleosynthesis [31].

We close with a simple example. Suppose there exist three right-
handed neutrinos with only right-handed interactions of strength
GR < GF . The standard left-handed neutrinos are no longer
in equilibrium at temperatures below ∼ 1 MeV. Particles with
weaker interactions decouple at higher temperatures, and their
number density (∝ T 3) relative to neutrinos is reduced by the
annihilations of particles more massive than 1 MeV. If we use
the upper bound Nν < 4.0, then the three right-handed neutrinos
must have a temperature 3(TνR/TνL)4 < 1. Since the temperature
of the decoupled νR’s is determined by entropy conservation,
TνR/TνL = [(43/4)/N(Tf )]1/3 < 0.76, where Tf is the freeze-out
temperature of the νR’s. Thus N(Tf ) > 24 and decoupling must
have occurred at Tf > 140 MeV. Finally, the decoupling temperature
is related to GR by (GR/GF )2 ∼ (Tf/3 MeV)−3, where 3 MeV
corresponds to the decoupling temperature for νL. This yields a
limit GR <∼ 10−2 GF . These limits are strongly dependent on the
assumed upper limit to Nν ; for Nν < 3.5, the limit on GR stegnthened
to GR < 0.002 GF , since Tf is constrained to be larger than
the temperature corresponding to the QCD transition in the early
Universe.
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